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What Is a Spectrum?
1984ApJS...56..257J

Jacoby et al.  (1984,  ApJS, 56, 257)

A stars have Teff ~104 K.

Continuum

H Line Absorption



What is a Spectrum?

Beuther et al.  (2005,  ApJ, 632, 355)

for various lines, depending mainly on the line strength, and ob-
tained average synthesized beams of 1B1 ; 0B9 (P.A. !44").

To get a feeling for the amount of missing flux, we convolved
the data to a 2000 beam and compared them with the single-dish
line survey by Schilke et al. (1997a). Many strong and extended
lines have missing flux values up to 90%. For one of our main
target lines, 28SiO (8–7), the measured SMA flux is even lower,
#10% of that measured with the Caltech Submillimeter Obser-
vatory (CSO; see also the discussion at the end of x 4.1). Since
this missing flux has to be distributed over scales >1300, possibly
as large as the 2000 beam of the CSO, themissing 28SiO (8–7) flux
scaled to the 100 synthesized SMA beam can be estimated to ap-
proximately 3 Jy beam!1. (For additional discussion on missing
flux in particular lines, see xx 4.1 and 4.2.)

The sensitivity was dynamic range–limited by the sidelobes of
the strongest emission peaks and thus varied between the linemaps
of different molecules and molecular transitions. This limitation

was due to the incomplete sampling of short u-v spacings and
the presence of extended structures. The theoretical 1 ! rms per
1 km s!1 channel was$100 mJy, whereas the measured 1 ! rms
in a 1 km s!1 channel image was of the order of 500 mJy be-
cause of the dynamic-range problem and thus insufficient clean-
ing. The 1 ! rms for the velocity-integrated molecular line maps
(the velocity ranges for the integrations were chosen for each line
separately, depending on the line widths and intensities) ranged
between 70 and 320 mJy with a mean 1 ! value of $170 mJy.
We calibrated the data within the IDL superset MIR developed for
the Owens Valley Radio Observatory and adapted for the SMA;
the imaging was performed inMIRIAD. For more details on the
array and its capabilities, see Ho et al. (2004).

3. RESULTS

Figure 3 presents the whole observed bandpass with its ex-
tremely rich line forest; a closer zoom into each sideband is

Fig. 3.—Vector-averaged upper and lower sideband spectra in the u-v domain on a baseline of$21 m. ULmarks unidentified lines, and question marks indicate only
tentatively identified lines.

SUBMILLIMETER LINE OBSERVATIONS OF ORION KL 357No. 1, 2005

SMA (865 µm) 
of Orion KL.

Line Emission
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Wavelength or Frequency

Δλ ∼ ‘resolution’



Resolving Power

R � �/��

��/� = v/c v = c/R

• Resolution:  The difference (Δλ) between 
two wavelengths that can just barely be 
“resolved”. 
 
 
 

• Resolving Power:  
 
 

Rayleigh’s criterion



Resolving Power

• R ~ 10-100, SEDs, solid state and molecular bands 

• R ~ 1000 (300 km s-1) Atomic and molecular 
features, red shifts 

• R ~ 104 (30 km s-1) line profiles, radial velocities of 
stars, stellar abundances 

• R ~ 105 (3 km s-1) ISM lines, molecular 
spectroscopy



R ~ 10-100

An R=150 spectrum of 
a brown dwarf 

obtained with SpeX on 
the IRTF.  



Resolving Power

• R ~ 10-100, SEDs, solid state and molecular bands 

• R ~ 1000 (300 km s-1) Atomic features, red shifts 
and high speed dynamics (e.g., stellar winds) 

• R ~ 104 (30 km s-1) line profiles, radial velocities of 
stars, stellar abundances 

• R ~ 105 (3 km s-1) ISM lines, molecular 
spectroscopy



R ~ 1000

because no galaxy overdensity was visible in our optical
image of this field. However, it was forewarned that such an
object could be a very distant (ze0:9) cluster. In fact,
Rosati et al. (1999) have proved that this X-ray source is a
cluster at z ¼ 1:26, making it the most distant system found
in any of the X-ray surveys thus far. RX J0857.7+2747 (No.
65), RX J1429.6+4234 (No. 163), and RX J2004.8"5603
(No. 197) were initially cluster candidates, but we now inter-
pret them to be likely false detections because our spectro-
scopic survey of these fields failed to find any coherent
structure in redshift space.

2.3. New Spectroscopic Redshifts

Since the initial follow-up observations, we have gone on
to measure spectroscopic redshifts for 110 additional clus-
ters from our 160SD survey using the Keck II 10 m and the
University of Hawai‘i (UH) 2.2 m telescopes at the Mauna
Kea Observatories and the ESO 3.6 m telescope at La Silla
Observatory. Combining these new redshifts with 76
measurements reported by V98 and 14 redshifts from the
literature and private communications results in essentially
complete (200 of 201 clusters) spectroscopic coverage for
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Fig. 4.—RX J1524.6+0957 (No. 170): a nearby group (z ¼ 0:078) and a distant cluster (z ¼ 0:516). Long-slit spectra of galaxies A, B, and C were measured
with Keck II LRIS on 2000 January 27. Total integration time was 20 minutes. Galaxies A and B are vertically displaced by 2# 10"17 and 1# 10"17,
respectively, for an optimal comparison of the spectra. The measured redshifts are zA ¼ 0:5113$ 0:0002, zB ¼ 0:5190$ 0:0005, and zC ¼ 0:5179$ 0:0004.
The dashed lines indicate the positions of stellar absorption features at the cluster redshift (z ¼ 0:516), and the dotted lines mark the wavelengths of
atmospheric absorption bands.

TABLE 3

Redshifts for 160SD Clusters

Redshift/Cluster Type V98
Newly Reported
(ThisWork)

Revised Sample
(ThisWork)

Spectroscopic redshifts.......................................... 76 124 200
Measured by our group ..................................... 45 110 155
Literature and private communication .............. 31 14 45

Photometric estimates........................................... 124 . . . . . .
Clusters with no redshift ....................................... 3 . . . 1
Cluster sample size ................................................ 203 . . . 201

No. 1, 2003 160 deg2 ROSAT SURVEY CLUSTER CATALOG 159

Determine the redshifts to 
galaxies in a cluster with 
R=500 spectra obtained 

with LRIS on Keck.

Mullis et al.  (2003,  ApJ, 594, 154)

The second phase of the optical follow-up concerns
spectroscopic measurements principally used to measure
distances to the clusters. Of course, the determination of
concordant redshifts from among the likely cluster members
further justifies the cluster classification, but this is some-
what ancillary given the presence of extended X-ray emis-
sion spatially coincident with a galaxy density enhance-
ment. As previously noted, spectroscopic redshifts for 31 of
the clusters were available from the literature. V98 obtained

spectroscopic redshifts for 45 additional clusters using the
Multiple Mirror Telescope 6! 1:8 m, ESO 3.6 m, and
ESO/Danish 1.54 m telescopes and presented photometric
redshifts for 124 of the remaining 127 clusters based on the
magnitude of the brightest cluster galaxy (BCG). Reliable
photometric estimates were not possible for the three candi-
dates RX J0910.6+4248 (No. 69), RX J1237.4+11141 (No.
122), and RX J1438.9+6423 (No. 164) because the selection
of the BCG in each case was unclear due to the large angular
extent of the candidate. Note that the object identification
numbers in parentheses are the same as the ones used in
V98. The distance estimates of V98 are summarized in the
second column of Table 3.

The membership of the 160SD cluster sample has proved
to be remarkably stable since first presented by V98. Based
on the results of extensive spectroscopic follow-up
(described in x 2.3), the revised sample consists of 201 con-
firmed clusters, 21 false detections, and one source obscured
by Arcturus (see Table 2). These classifications have
changed very little; one probable false detection has been
identified as a cluster, and three cluster candidates have
been reclassified as probable falses. RX J0848.9+4452 (No.
61) was originally classified as a probable false detection
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Fig. 3.—RX J1524.6+0957 (No. 170): a nearby group (z ¼ 0:078) and a distant cluster (z ¼ 0:516). A 10 minute I-band image taken with the FLWO 1.2 m
on 1997 July 8 is overlain by adaptively smoothed X-ray flux contours in the 0.7–2.0 keV band from a 51 ks observation with the ChandraACIS-I. Contours
are logarithmically spaced by factors of 1.4 with the lowest contour a factor of 2 above the background (9:7! 10#4 counts s#1 arcmin#2). Features in the
X-ray contours are significant at a level of e4 !. The inset (upper right) indicates the galaxies (A–C) of the distant cluster for which redshifts were measured
(see spectra in Fig. 4). The foreground group galaxies (D–F) are at redshifts zD ¼ 0:0787$ 0:0009, zE ¼ 0:0767$ 0:0009, and zF ¼ 0:08? (K. Romer 2002,
private communication). TheR-bandmagnitude of galaxy C is 20.29. The scale bar shows the angular size of 250 kpc at z ¼ 0:516.

TABLE 2

Optical Identifications of 160SD X-Ray Sources

Source V98
Revised Sample
(ThisWork)

Extended X-ray sources ....................... 223 223
Galaxy clusters................................. 203 201
Probable false detectionsa................. 19 21
No follow-up observationsb.............. 1 1

a Likely blends of unresolved X-ray point sources.
b Obscured by the glare of Arcturus.

158 MULLIS ET AL. Vol. 594



Resolving Power

• R ~ 10-100, SEDs, solid state and molecular bands 

• R ~ 1000 (300 km s-1) Atomic features, red shifts 
and high speed dynamics (e.g., stellar winds) 

• R ~ 104 (30 km s-1) line profiles, radial velocities of 
stars, stellar abundances 

• R ~ 105 (3 km s-1) ISM lines, molecular 
spectroscopy



R ~ 104

abundance, this figure also shows the synthesis with the me-
teoritic abundance at the temperature and gravity for this star.
The best-fit Be abundance is clearly below that. Also shown is
what the spectrum is calculated to be with essentially no Be;
this clearly does not fit the observed spectrum either. Even
though the spectrum is rotationally broadened, the Be defi-
ciency of this star can be determined.

This Praesepe star is very similar to ones we have found
in the Hyades and Coma clusters. Figure 8 shows similar fits
for VB 37 and Tr 19 in the Hyades and Coma, respectively.
(These plots are adapted from Boesgaard & King 2002 and
Boesgaard et al. 2003b.) The best fits are shown along with
the meteoritic Be synthesis and the ‘‘no Be’’ synthesis.

These stars, from three different clusters, demonstrate the
reality of the Be dip and show Be deficiencies that are smaller
than the Li deficiencies. While Be is reduced by factors of
6–8, Li can be depleted by more than 100 times.

4.2.2. Correlation of Li and Be in the Hotter Stars

In previous studies we have found a correlation between Li
and Be in a narrow temperature range of !5850 to !6650 K
(Deliyannis et al. 1998; Boesgaard et al. 2001, 2003a, 2003b;
Boesgaard & King 2002). For 27 field stars from 5850 to
6680 K, Boesgaard et al. (2001) found a slope of 0:36 " 0:04
between A(Be) and A(Li) [with A(Li) as the abscissa].

In Figure 9 we plot A(Be) against A(Li) for 42 stars from
five young clusters in the temperature range 5900–6650 K.
The uncertainties in A(Be) are shown; the typical error bar for
A(Li) is " 0.10 dex. Four of the stars have only upper limits
for A(Li), and these were not used to determine the best-fit
slope through the points. One star with an upper limit Li
abundance is not shown: VB 101 has a very uncertain Be
abundance due to its high rotation. The slope of the relation
shown is 0:43 " 0:05. (We recognize the existence of tech-
niques to deal with upper limit data. However, there are only
four such stars, which will have minimal impact on the slope.

More importantly, however, in this series of papers we are
looking at correlations between ongoing Li and Be depletion;
that is, we presume that we are looking at stars actively de-
pleting both Li and Be. This is the meaning of the slope in
Fig. 9. We cannot use stars with upper limits of Li or Be to
trace the ongoing correlation of Li and Be depletion.)

In this temperature range the abundances are well correlated
and Li is decreasing faster than Be. In these young clusters, as

Fig. 7.—Synthesis fit for Be in KW 227 showing that the Be is present, but
depleted. The best fit through the data points is the solid line; the dotted line is
for the meteoritic Be abundance, and the dot-dashed line is for essentially no
Be.

Fig. 8.—Synthesis fits for Be in a Hyades star, VB 37, and a Coma star, Tr
19, both in the Li-Be dip. Both have detectable but depleted Be. The symbols
and lines are as in Fig. 7.

Fig. 9.—Li-Be relation for hot stars from five different clusters. The tem-
perature range selected here is 5900 K < TeA < 6650 K, the temperature at
the Li plateau to the center of the Li dip in the Hyades. The upper limits on Li
abundances are indicated, but those values were not included in the least-
squares fit. The meteoritic abundances are shown by the horizontal (Be) and
vertical (Li) dotted lines. The dot-dashed line represents the least-squares fit
for all the points with Be and Li detected. The slope for these stars is 0.43.

BERYLLIUM ABUNDANCES IN F AND G DWARFS 869No. 2, 2004

Determine the Be 
abundances of stars with 
R=48,000 spectra from 

HIRES on Keck.

Boesgaard et al.  (2004, ApJ, 605, 864)



R ~ 104

B field strengths of young stars via Zeeman 
broadening with R=36,000 spectra CSHELL on the 

IRTF.

Yang et al.  (2005, ApJ, 635, 466)

we assume a radial field geometry in the stellar photosphere. We
assume that thermal structures are identical in magnetic and field-
free (quiet) regions. This is appropriate for optically thin flux tubes
(e.g., plage), but probably not for large spots. The thermal struc-
ture of magnetic regions on TTSs is not known, nor are any ap-
plicable models available for use in our analysis.

The spectrum synthesis includingmagnetic fields has been de-
scribed in Paper I. Only one Ti i line was used to model magnetic
fields on BP Tau in Paper I. Strong K-band veiling in BP Tau
masked any line strength uncertainty due to errors in atomic data.
In the case of Hubble 4 in Paper II, there is no K-band veiling ,
and all the Ti i lines used here were available to model. After
comparing with the solar spectrum and that of 61 Cyg B, the
g f values of the four Ti i lines were adjusted to match the profiles
observed in 61 Cyg B. Here for TW Hya we adopt the g f values
for the Ti i lines from Paper II. The Marquardt technique is used
again to solve for the best-fitting values of the magnetic field
strength and the filling factor. The key atmospheric parameters
(Teff , log g, [M/H], and v sin i ) are held fixed at values deter-
mined from the analysis of the optical data. The best fit to the
IR data with a single field component model yields B ¼ 3:35 kG
and f ¼ 0:66, and thismodel is shown in Figure 3, alongwith the
model assuming no magnetic field on TW Hya. The model with
a magnetic field is clearly a much better fit to the observed spec-
trum, yielding a reduced!2 of!2

r ¼ 1:70 (computed considering
only the points in the Ti i lines shown in bold in Fig. 3). The non-
magnetic model with all parameters fixed to values from the
optical analysis gives !2

r ¼ 5:63. For comparison with the mod-
els below, we note that B̄ " Bf ¼ 2:21 kG for this model.

3.2.4. Multicomponent Field Models

The single field component model provides a decent fit to
the observed lines; however, the strengths of the lines at 2.22112
and 2.22740 "m are overpredicted. In addition, the observed pro-

files are broad and smooth, while the computed profiles show
obvious inflection points. In Paper I this motivated the authors to
construct multicomponent field models that provided the best fit
to the BP Tau Ti i profile. In Paper II several multicomponent
field models were applied and improved the fits as well. It was
also found in Paper I that multicomponent models with too many
field components are degenerate, since it is difficult to constrain
separate field components with relatively small differences in field
strength due to the combined effects of the spectrometer resolu-
tion and stellar rotation. In the case of BP Tau in Paper I, the
effective magnetic resolution is about 2 kG. For Hubble 4 in
Paper II, the high v sin i of 14 km s#1 lowers the resolution of
Zeeman components, but simultaneous fitting of four Ti i lines
with different Landé g-values improves the situation, resulting
in approximately the same effective magnetic resolution as the
analysis of BP Tau in Paper I. Here, in the case of TW Hya, the
v sin i is only about 6 km s#1. Following the calculations in
Paper II, an effective magnetic resolution of $1.5 kG is esti-
mated. Motivated by our previous results, we apply multicompo-
nent magnetic field models to TW Hya. We start with a two field
component model to fit the data.
The two field component model divides the surface of the star

into three regions: two regions covered with magnetic fields of
different strengths and filling factors and one field-free region.
The sum of the filling factors of the three components must be
1.0, and the spectra from the different regions are multiplied by
their filling factors and summed to generate the final model spec-
trum. We again use the Marquardt technique to find magnetic
field strengths and filling factors that produce the best fit to the
observed line profiles. The two field component model yields a
somewhat smoother fit to the observed line profiles with a smaller
!2
r value of 1.29. The resulting magnetic field strengths and fill-

ing factors for the best fit are B1 ¼ 3:0 kG, f1 ¼ 0:56 and B2 ¼
6:5 kG, f2 ¼ 0:16. The mean field on the stellar surface for this

Fig. 3.—Best fit of infrared spectra using a single-component magnetic field model. Magnetically sensitive Ti i lines are fitted where the bold regions indicate the
portions of the spectrum actually used in the fit (histogram: data; dash-dotted line: fit without magnetic field; smooth solid line: fit with magnetic broadening).

YANG, JOHNS-KRULL, & VALENTI470 Vol. 635

(Δλ ∝ λ2)



Resolving Power

• R ~ 10-100, SEDs, solid state and molecular bands 

• R ~ 1000 (300 km s-1) Atomic features, red shifts 
and high speed dynamics (e.g., stellar winds) 

• R ~ 104 (30 km s-1) line profiles, radial velocities of 
stars, stellar abundances 

• R ~ 105 (3 km s-1) ISM lines, molecular 
spectroscopy



R ~ 105 

Resolved individual 
molecular lines.



Types of Spectrographs

• Objective Prism 

• (Long) Slit Spectrograph 

• Multi-Object Spectrograph (MOS) 

• Integral Field (IF) Spectrograph 

• (Fourier Transform Spectrometers) 

• (Heterodyne Spectrometers)



Object Prism Spectrograph

Used to obtain low 
resolution spectra of 

all stars in a field.

Image of NGC 2264 in Orion showing 
stars with Hα (6563 Å) in emission.

Courtesy G. Herbig



(Long) Slit Spectrograph 

Pickering et al. (1999, AJ, 118, 765) 

Work horse of  
astronomical spectroscopy.



Multi-Object Spectrograph

Used to obtain a large number 
of moderate resolution spectra 
of clusters of stars or galaxies. 

Hectospec/MMT



Integral Field Spectrograph 

Used to obtained 2D spectra of a small field of view.



Spectrograph Basics



A Schematic Spectrograph
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A Schematic Spectrograph

20 μm



A Schematic Spectrograph
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Dispersers
• Prism - Typically low resolution  

• Grating - Low to very high resolution 

• Grism - (prism+grating) Low to moderate resolution 

• (Fabry-Perot, Michelson Interferometer) 

• (Heterodyne) 



Diffraction Gratings
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Figure 2-1.  Diffraction by a plane grating. A beam of monochromatic light of wavelength 

λ is incident on a grating and diffracted along several discrete paths.  The triangular 

grooves come out of the page; the rays lie in the plane of the page.  The sign convention 

for the angles α and β is shown by the + and – signs on either side of the grating normal.  

(a) A reflection grating: the incident and diffracted rays lie on the same side of the grating.  

(b) A transmission grating: the diffracted rays lie on the opposite side of the grating from 

the incident ray. 

 Another illustration of grating diffraction, using wavefronts (surfaces of 

constant phase), is shown in Figure 2-2.  The geometrical path difference 
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between light from adjacent grooves is seen to be d sinα + d sinβ.  [Since β < 0, 

the term d sinβ is negative.]  The principle of constructive interference dictates 

that only when this difference equals the wavelength λ of the light, or some 

integral multiple thereof, will the light from adjacent grooves be in phase (leading 

to constructive interference).  At all other angles the wavelets originating from 

the groove facets  will interfere destructively.  

 

 

 ray 1 
 ray 2 

d      

β  

α  

 A 

 B 

+   – 

d  sin α d  sin β 

grating 

normal 

 

Figure 2-2.  Geometry of diffraction, for planar wavefronts.  Two parallel rays, labeled 1 

and 2, are incident on the grating one groove spacing d apart and are in phase with each 

other at wavefront A.  Upon diffraction, the principle of constructive interference implies 

that these rays are in phase at diffracted wavefront B if the difference in their path 

lengths, dsinα + dsinβ, is an integral number of wavelengths; this in turn leads to the 

grating equation.   

 

 These relationships are expressed by the grating equation 

  mλ = d (sinα + sinβ), (2-1) 

which governs the angular locations of the principal intensity maxima when light 

of wavelength λ is  diffracted from a grating of groove spacing d.  Here m is the 

diffraction order (or spectral order), which is an integer.  For a particular 

m⇤ = d(sin� + sin⇥)
Grating EquationSign Conventions



Diffraction Gratings

m⇤ = d(sin� + sin⇥)

For a given α and β,  the equation holds for many 
values of m and λ.

m
nm



Diffraction Gratings

400

700

grating



Angular Dispersion

m⇤ = d(sin� + sin⇥)
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  mλ = d (sinα + sinβ), (2-1) 

which governs the angular locations of the principal intensity maxima when light 

of wavelength λ is  diffracted from a grating of groove spacing d.  Here m is the 
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angular dispersion A � d⇥
d⇤ = m

d cos ⇥ = sin ⇥+sin �
⇤ cos ⇥



Angular Dispersion

• Larger A?: 

• higher order 

• small facets 

• larger angles

A � d⇥
d⇤ = m

d cos ⇥ = sin ⇥+sin �
⇤ cos ⇥



Buzz Words

• Small facets are hard.  But, 

• Echelette gratings have small d (1200 
lines mm-1), work at low m (~1) and 
small β.  

• Echelle gratings have big d (79 lines 
mm-1), work at high m (~40) and large β. 

A � d⇥
d⇤ = m

d cos ⇥ = sin ⇥+sin �
⇤ cos ⇥



Diffraction Gratings

The higher the order, the less wavelength 
coverage due to overlap. 



Diffraction Gratings

second disperser

The higher the order, the less wavelength 
coverage due to overlap. 



Cross Dispersion
“Echelle format”



Other Dispersers (Prism)

• low resolution (R~10-500) 

• High efficiency since light is not diffracted into 
many orders. 

• Used in high efficiency low resolution 
spectrographs and cross dispersion.



Other Dispersers (Grism)

• Combination of a prism and transmission 
grating giving R ~ 10-1000. 

• Can be used on axis in a camera or as a 
cross disperser.



Spectrograph Theory



Spectrograph Basics
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What is R?
How do you want to proceed?

6 slide derivation the answer



What is R?

The limit of resolution, δλ, is the 
wavelength difference when the 

separation (Δl) of the two images 
is equal to w′.

fcam

�l = fcam
d�
d⇥�� = fcamA��

�� = �l
fcamA

�� = w�

fcamA
R � �/�� = �fcamA

w�

Δl

β

Δλ w′



What is w′?

Collimator Camera

fcamfcolftel

slit
focal plane

Objective

dcol

D

w w′

What is w′ in terms of things we know?



Quick Review

fcam

α
w′

w� = � · fcam

α

focal plane



Reimaging w

Collimator Camera

fcamfcolftel

slit
focal plane

Objective

dcol

D

w w′

� = w/fcal � w� = w · ( fcam
fcol

)



Other useful relations

Collimator Camera

fcamfcolftel

slit
focal plane
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What is w′?

Collimator Camera

fcamfcolftel

slit
focal plane

Objective

dcol

D

w w′

w� = �D fcam
dcol



A bit of math...

R � �/�� = �fcamA
w� w� = �D fcam

dcol

R � �/�� = �dcolA
⇥D



Summary

Collimator

Disperser (A)

Camera

fcamfcolftel

slit
focal plane

Objective

dcol

D

w w′

R � �/�� = �dcolA
⇥D

Φ

angular slit size



Resolving Power
R � �/�� = �dcolA

⇥D

• For a fixed R, a larger telescope means larger 
collimator means bigger instrument.  Cost scales 
as the volume. 

• To change R for a given telescope, change A or Φ.

2A 0.5Φ



Spectral Data Reduction



Spectral Data Reduction

• Data reduction is, in some sense, more art 
than science, passed on from advisor to 
student (hopefully well).   

• There is no “correct” way to reduce data and 
how you reduce it often depends on the 
science you want to do.   Nevertheless...



Data Reduction
How do we go from this:

to this?



Raw Data

What is in the raw data?

Object

Spectral (λ) 

Spatial (x) OH sky lines

GhostBad Pixels

Crack



Background Subtraction



Extraction

fi =
�

j D[i, j]



Extraction



Wavelength Calibration
argon emission lines



Wavelength Calibration
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Wavelength Calibrated Raw 
Spectrum



But what do we actually have?

• O(λ) - Observed spectrum 

• I(λ) - Intrinsic spectrum 

• T(λ) - Atmospheric transmission 

• P(λ) - Instrument profile 

• Q(λ) - Instrument throughput

O(�) = [I(�) · T (�)] ⇥ P (�) · Q(�)
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How do we find I(λ)?
O(�) = [I(�) · T (�)] ⇥ P (�) · Q(�)

O(�) = [I(�) ⇥ P (�)] · [T (�) ⇥ P (�)] · Q(�)

O(�) = Iinstr(�) · R(�)

Typically happy with Iinstr(λ), so we just need R(λ).



How do we find R(λ)?

Observe a “standard” star.

If we know Istdinstr(λ), then we have R(λ) as,

Ostd(�) = Istd
instr(�) · Rstd(�)

Rstd(�) = Ostd(�)
Istd
instr(�)



How do we find R(λ)?

Rstd(�) = Ostd(�)
Istd
instr(�)

T(λ)

Rstd(λ)

Q(λ)



Final Spectrum

HD 45977 (K4 V)

Isci
instr(�) = Osci(�)

Rstd(�) = Isci
instr(�)Rsci(�)

Rstd(�)



Practical Considerations

• Flux and Telluric Calibrations 

• Parallactic angle 

• Standard stars and wavelength 
calibration references



Flux and/or Telluric Correction?

Optical

Infrared

Infrared

Red Optical



Flux and/or Telluric Correction?

• Typically no correction for telluric absorption 
is done in the optical. 

• At infrared wavelengths, telluric correction is 
crucial!



Parallactic Angle

• As light passes through 
our atmosphere, it is 
refracted. 

• The amount of 
refraction depends on 
the wavelength, zenith 
angle (z), and the 
atmospheric conditions.

z

venus



Parallactic Angle

• As light passes through 
our atmosphere, it is 
refracted. 

• The amount of 
refraction depends on 
the zenith angle (z) and 
is is along azimuth 
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Parallactic Angle
• As light passes through 

our atmosphere, it is 
refracted. 

• The amount of 
refraction depends on 
the wavelength, zenith 
angle (z), and the 
atmospheric conditions. 

• Must align the slit with 
the dispersion. 

• The angle changes for 
equatorial telescopes.

seeing

refraction
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N S

W

E



Standard Stars
• Optical Flux Standards: 

• Massey et al. (1988, ApJ, 328, 315) 

• Massey & Cornwall (1990, ApJ, 358, 344) 

• Hamuy et al. (1994, PASP, 106, 566) 
 

• A0 V and G2 V stars for near-infrared  
•http://irtfweb.ifa.hawaii.edu/cgi-bin/spex/
find_a0v.cgi

• See Vacca et al. (2003, PASP, 115, 389)

http://irtfweb.ifa.hawaii.edu/cgi-bin/spex/find_a0v.cgi


Wavelength Calibration

• Optical Wavelength Calibration 

• He/Ne/Ar emission lines, http://www.noao.edu/kpno/specatlas/ 

• OH Emission lines, 
Osterbrock et al. (1998, PASP, 110, 1499) 
Osterbrock et al. (1997, PASP, 109, 6140) 
Osterbrock et al. (1996, PASP, 108, 1051) 

• Near-Infrared Calibration 

• He/Ne/Ar emission lines 
Hinkle et al. (2001, PASP, 113, 548)  

• OH lines, 
Rousselot et al. (2000,  A&A, 354, 1134) 

http://www.noao.edu/kpno/specatlas/

